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Abstract
A flare kernel associated with a C4 class flare was observed in a spectral window including
the He I triplet 10830 A˚ and Si I 10827A˚ with a spectropolarimeter on the Domeless Solar
Telescope at Hida Observatory on August 9th, 2015. Observed Stokes profiles of the He I
triplet in the flare kernel in its post-maximum phase are well reproduced through inversions
considering the Zeeman and the Paschen-Back effects with a three slab model of the flare
kernel, in which two slabs having up and downward velocities produce emissions and one slab
produces an absorption. The magnetic field strength inferred from the emission components
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of the He I line is 1400 G, which is significantly stronger than 690 G that is observed at the
same location in the same line 6.5 hours before the flare. In addition, photospheric magnetic
field vector derived from the Si I10827A˚ is similar to that of the flare kernel. To explain this
results, we suggest that the emission in the He I triplet during the flare is produced in the deep
layer, around which bombardment of non-thermal electrons leads to the formation of a coronal
temperature plasma. Assuming a hydrogen column density at the location where the He I
emissions are formed, and a power-law index of non-thermal electron energy distribution, we
derived the low-energy cutoff of the non-thermal electron as 20 - 30 keV, which is consistent
with that inferred from hard X-ray data obtained by RHESSI.
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1 Introduction
Solar flares are sudden brightenings in the entire electromagnetic solar spectrum, from radio to γ-rays
(Fletcher et al. 2011). Their phenomenological aspects are explained as the release of magnetic
energy stored in the solar corona through magnetic reconnections (Carmichael 1964, Sturrock 1966,
Hirayama 1974, Kopp & Pneuman 1976, Nishio et al. 1997, Melrose 1997, Shibata 1999).
Evaluation of amount of the magnetic energy that is converted to other forms of energy, such as non-
thermal electrons, heat, and plasma motions, is an important subject for understanding the mechanism
of the energy release (Emslie et al. 2012; Aschwanden et al. 2017).
Solar chromosphere dynamically responds to solar flares through the energy injection from
the corona by thermal conduction and/or non-thermal particles (Nagai 1980; Somov et al. 1981;
Somov et al. 1982; Ichimoto & Kurokawa 1984). For the thermal conduction, the transition region
between the corona and the chromosphere will propagate downward due to the heating and subsequent
evaporation of the upper part of the chromosphere. For the non-thermal particles, temperature may
increase at a location in the chromosphere at which the non-thermal electrons penetrate and dissipate
large part of their kinetic energy (Nagai & Emslie 1984). Therefore, the dynamical responses of
the chromosphere to the flare will be different against the different heating mechanisms, and the
investigation of it will provide us crucial information about the mechanism of energy transport in
flares and their energetics.
The polarization of photospheric or chromospheric spectral lines is produced by magnetic
fields through the Zeeman and Hanle effects. Furthermore, when energetic particles with anisotropic
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velocity distribution, e.g., the accelerated charged particles and heat flux, penetrate into the chromo-
sphere, collisions with ambient atoms will produce the impact polarization depending on the kinetic
energy and the velocity distribution of the particles (He´noux et al. 1983a; He´noux et al. 1983b).
Radiation anisotropy due to plasma inhomogeneities at the boundary of the flare ribbons also can
induce scattering polarization in the spectral lines (Sˇteˇpa´n & Heinzel 2013). A number of works
have reported observations of the polarization in spectral lines associated with flares, and they have
discussed the origin of the polarization (He´noux et al. 1983a; Hanaoka 2003; Xu et al. 2005; Judge
et al. 2015).
According to the current flare models (see e.g. Shibata & Magara 2011), flare ribbons ob-
served in the chromosphere correspond to foot points of the reconnecting and restructuring coronal
magnetic loops. Hence, measurements of the magnetic field strength in the flare ribbons allow us to
estimate the reconnecting magnetic flux, and the released magnetic energy (Isobe et al. 2002; Asai
et al. 2004). In addition, inferred magnetic field variations in photosphere during flares (Wang
1992; Sudol & Harvey 2005) are interpreted as a result of coronal field restructuring (Anwar et al.
1993; Hudson et al. 2008).
Through spectro-polarimetric observations of chromospheric line, Penn & Kuhn (1995) and
Harvey (2012) derived magnetic field component along the line of sight from circular polarization,
i.e. Stokes V , of the He I 10830 A˚ and Ca II 8542 A˚ , respectively. Kleint (2017) analyzed Stokes
V imaging spectro-polarimetric data in the Ca II 8542 A˚ and found that a significant decrease and
increase of chromospheric magnetic field component along the line of sight during a flare, and its
variation is twice as large as that in the underlying photosphere. They attributed the change of the
chromospheric magnetic field to the coronal field restructuring during the flare. However, since the
direction of the magnetic fields was not measured, it remains unresolved if the coronal field restruc-
turing was the major cause of the large changes in the observed fields. Kuridze et al. (2018) applied
spectro-polarimetric inversions (Socas-Navarro et al. 2015) to Ca II 8542 A˚ full-Stokes profiles of a
flare ribbon, and suggested that the line in the flaring atmosphere is formed in the deeper layers than
in the quiet Sun. They also present strong ∼ 1000 - 1500 G transverse component of the magnetic
field in a portion of the flare ribbon where linear polarization is the strongest.
This paper presents the first measurement of magnetic field vectors, i.e., directions and
strengths, in a flare kernel with a spectro-polarimetric observation of the He I 10830 A˚. In the fol-
lowing sections, we describe the details of the observation (section 2), the results on the magnetic
field vectors derived from Stokes profiles of the He I 10830 A˚ in the flare kernel (section 3), and
finally we discuss possible interpretations and summarize our findings (section 4).
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Fig. 1. X-ray light curves measured by GOES at 6:00-12:00 UT on August 9, 2015. The red and blue solid lines indicate the intensity between 1.0 - 8.0 A˚,
and 0.5 - 4.0 A˚, respectively. The black vertical line marks the time when flare kernel was observed with the spectropolarimeter.
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Fig. 2. Full Stokes spectra of the flare kernel on the sunspot in He I triplet and Si I 10827 A˚. A black arrow points the emission of the flare kernel in the He I
triplet.
2 Observation
AC4 class flare occurred on August 9th, 2015 in the active region NOAA 12396 at the heliocentric co-
ordinates of S19◦W14◦. Figure 1 shows the X-ray light curves of the flare measured by Geostationary
Operational Environmental Satellite (GOES). We observed the active region in He I 10830 A˚ and
Si I 10827 A˚ with the spectropolarimeter equipped on the Domeless Solar Telescope (Anan et al.
2012; Nakai & Hattori 1985) at Hida observatory. Two dimensional maps of the active region were
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Fig. 3. Slit-jaw images in (a) Hα center, (b) Hα− 0.6 A˚, (c) Hα− 1.2 A˚, and (d) a photospheric magnetogram at the same time when the emissions of the
flare kernels were measured. The black lines pointed by arrows are the slit of the spectropolarimeter. The two parallel lines are hair lines. The red boxes mark
the regions where the flare kernel was observed.
obtained by scanning the slit of the spectropolarimeter with a scan step of 2 arcsec during and 6.5
hours before the flare. At each slit position, 100 frames of polarization-modulated spectral images
in both orthogonal polarizations send from the polarization analyzer were recorded in 20 sec, and it
took 60 min for obtaining the field of view of 128 × 240 arcsec2. The slit width is 1.28 arcsec and
the spatial samplings along the slit is 0.6 arcsec pixel−1. The spectral sampling is 37 mA˚ pixel−1.
Emissions of the He I 10830 A˚ were observed on a sunspot in the active region from 7:43 UT
to 7:47 UT. Figure 2 shows full Stokes spectra that we obtained when the slit of the spectrograph was
placed on the flare kernel. The full Stokes spectra were calibrated for instrumental polarization using
a predetermined Mueller matrix of the telescope (Anan et al. 2012). Seeing induced cross-talks
can be reduced by using the both orthogonal polarizations split by the polarization analyzer in the
reduction process. However, the Stokes spectra still show signatures of remaining cross-talks among
the Stokes parameters. The cross-talks from Stokes I to Q , U , and V were corrected by subtracting
5
Fig. 4. Light curve in the Hα center and temporal variation of the Doppler velocity of the Hα emitted from the sunspot. The gray region indicates the time
when emissions of flare kernels in the He I 10830 A˚ were observed.
a bias in the continuum in Q , U , and V , so that there is no spurious polarization in the continuum, in
which polarization degree should be less than 10−6 on the solar disk (Stenflo 2005). After removing
fringes by filtering them out in Fourier space, we applied a technique proposed by Kuhn et al. (1994)
to correct the cross-talks between the linearly and circularly polarized states. The technique is based
on assumptions that the Stokes-Q and U profiles in the Si I 10827 A˚ are symmetric and its Stokes-V
profiles are anti-symmetric. The polarization sensitivity (rms noise level) in the Stokes Q , U , and
V are, respectively, estimated to be 3× 10−4, 2× 10−4, and 7× 10−4 as the standard deviation of
polarization degrees in a continuum part of the spectra.
Slit-jaw images at several wavelengths in the Hα line are obtained during the spectro-
polarimetric scan through a tunable Lyot filter with a passband width of 0.5A˚ (FWHM) and a 1k
× 1k CCD camera. Figure 3 shows the slit-jaw images in Hα center, Hα −0.6 A˚, and Hα −1.2
A˚ taken at the same time when the emissions of the flare kernels were measured in the He I 10830 A˚.
The flare kernel is located in a sunspot and a part of a flare ribbon, which appear in the slit-jaw images
of Hα center and Hα −0.6 A˚. The photospheric magnetogram were taken by the Helioseismic and
Magnetic Imager (HMI, Scherrer et al. 2012) onboard the Solar Dynamics Observatory (SDO).
Figure 4 shows a light curve of Hα center and the Doppler velocity of the Hα at the flare
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Fig. 5. A hard X-ray spectrum in the impulsive phase of the flare observed by RHESSI detecter 1. Background, background-subtracted data, and the fit are
plotted by gray, black, and red curves, respectively. Best-fit models of thermal bremsstrahlung (green), non-thermal thick-target bremsstrahlung (orange),
and back scattering (albedo correction, blue) are also shown. Vertical dashed lines indicate the boundaries of the fitting range between 12 and 40 keV. The
inferred electron power-law index and upper limit of the low-energy cutoff of the non-thermal electron energy distribution are 7.8± 0.7 and 21.7± 1.4 keV,
respectively.
kernel. The period when we observed the emission in HeI 10830 A˚ is shown by a vertical shade.
After the dark-frame correction, the intensities of the slit-jaw images are normalized to spatially
averaged intensity of quiet regions in the field of view for each wavelength. We fit the Hα emission
profiles sampled at the Hα center, Hα ±0.3 A˚, Hα ±0.6 A˚, Hα ±0.9 A˚, and Hα ±1.2 A˚ with a
Gaussian function and the Doppler velocity is determined from its peak position. The figure indicates
that the red shift with a speed of 10 km s−1 was detected in the rising phase of the Hα emission, and
the spectro-polarimetric measurement of the flare kernel in the He I 10830 A˚ was obtained after the
peak of the Hα intensity. The slit scan over the whole active region took one hour. Because of this
long scanning period, we cannot study the time evolution of the Stokes profiles in the flare kernel in
the flare onset.
Reuven Ramaty High Energy Solar Spectroscopic Imager (RHESSI, Lin et al. 2002) also
observed the flare in hard X-ray range until 7:46 UT. Figure 5 shows the spectra of the photon flux
integrated over the period of 07:33:44-07:37:40 UT, in which the photon counts integrated over 25-50
keV were above the background level. We performed spectral fitting using the OSPEX procedure
in the Solar SoftWare (SSW) with an electron source model, in which hard X-ray spectrum consists
of components created by thermal bremsstrahlung and non-thermal thick-target bremsstrahlung by
7
Table 1. Inverted physical parameters
time (UT) line B (G) γ (◦) φ (◦) v (km s−1) ∆λ (A˚) S τ
01:13 He I 680±40 15±9 125±75 1.6±0.1 0.304±0.005 0.21±0.01 0.4†
01:13 Si I 1070±20 46±2 268±2 1.2±0.1 0.053±0.005 0.4 + 0.6τ
∗07:45 (flare, L1) He I 360 ± 100 60±40 190±115 -0.2±0.2 0.14±0.02 <0.68 0.4†
∗07:45 (flare, L2) He I 1380± 120 51±5 277±5 -1.2±0.3 0.26±0.02 >1.42 0.4†
∗07:45 (flare, L3) He I 1380± 100 50±6 271±8 7±4 0.38±0.09 >1.23 0.4†
07:45 (flare) Si I 1470± 20 57±1 268±1 1.3±0.1 0.051±0.005 0.07 + 0.93τ
∗ Physical parameters of each slab in the triple slab model. The first slab produces an absorption (S < 1),
while the second and the third slabs produce emissions (S > 1) with an upward and downward velocity.
† Optical depths are fixed in the fitting
electrons with a single power-law energy distribution while effects of the albedo and the pileup mod-
ulation are corrected. According to the fitting results of data by RHESSI detectors 1, 5, 7, and 8, the
inferred power-law index and upper limit of the low-energy cutoff of the non-thermal electron energy
distribution are 7.8± 0.7 and 21.7± 1.4 keV, respectively.
3 Result
Full Stokes profiles of the He I 10830 A˚ at the flare kernel are shown in Figure 6. StokesQ , U , and V
present a hint of profiles produced by the Zeeman effect, while the Stokes I shows two peaks of the
emission. Note that the sign of the Stokes V profile of the kernel in the He I 10830 A˚ is opposite to
those of surrounding regions and in the Si I 10827 A˚ (figure 2). In weak field approximation, Stokes
V can be written as
V ∼−gλ2BLOS
∂I
∂λ
, (1)
where g is the Lande´ factor, λ is the wavelength, and BLOS is the line of sight component of the
magnetic field (see chapter 11.9 of Stenflo 1994). The opposite sign of the Stokes V profile is due to
that the Stokes-V signal is produced by the Zeeman effect of the emission component, in which the
∂I /∂λ turns to the opposite sign of that of the absorption profiles. Our inversion code can properly
handle the Zeeman effect of the emission component.
We fit the observed Stokes spectra with theoretical profiles computed with a radiative transfer
equation (del Toro Iniesta 2003) taking into account the Zeeman and Paschen-Back effects in the
presence of the magnetic field by applying Levenberg-Marquardt least squares minimization. The
atmospheric models used here are based on a constant-property slab model for the He I 10830 A˚ and
8
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Fig. 6. Observed Stokes profiles of the flare kernel in the He I 10830 A˚ (black diamonds), and inversion results for single (black solid line), double (blue solid
line), and triple slabs models (red solid line).
 1082.9  1083.0  1083.1
λ (nm)
-4
-2
0
2
4
R
es
id
ua
ls 
of
 I 
(%
) χ
2
=227
χ2=170
χ2=175
 1082.9  1083.0  1083.1
λ (nm)
-0.2
-0.1
0.0
0.1
0.2
R
es
id
ua
ls 
of
 Q
/I 
(%
) χ2=425
χ2=429
χ2=359
 1082.9  1083.0  1083.1
λ (nm)
-0.10
-0.05
0.00
0.05
0.10
R
es
id
ua
ls 
of
 U
/I 
(%
) χ2=149
χ2=126
χ2= 96
 1082.9  1083.0  1083.1
λ (nm)
-1.0
-0.5
0.0
0.5
1.0
R
es
id
ua
ls 
of
 V
/I 
(%
) χ2=2404
χ2=2752
χ2=1580
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the Milne-Eddington model for the Si I 10827 A˚, respectively. The constant-property slab is a simple
and suitable model for calculating Stokes profiles of the He I 10830 A˚ (Asensio Ramos et al. 2008).
Optical depth, τ , is fixed to 0.4 in the fitting for the He I 10830 A˚ of the flare kernel, because it cannot
be well determined simultaneously with the source function, since in optically thin case, the intensity
of the emission is only proportional to the product of τ and the source function.
Considering that the observed Stokes I profile of the flare kernel has two peaks, we also per-
form fittings using multi-slab model, in which the observed Stokes profiles are sum of profiles pro-
duced by each slab. In case of triple slab model, a Stokes parameter, p, is calculated as p=
∑
3
i=1
(fipi)
under the constraint of
∑
3
i=1 fi = 1, where pi and fi are a Stokes parameter and a filling factor of the
ith slab, respectively.
Figure 6 shows the results of inversion of He I 10830 A˚with a single, double, and triple slab
models overlaid on the observed Stokes profiles of the He I 10830 A˚ in the flare kernel. The residuals
of the fittings in three cases are presented in figure 7 with the chi-square values. There remain some
systematic patterns in the residuals with a scale of line width. They may be attributed to remaining
fringes or presence of gradients of physical quantities in the flare kernel. However overall character-
istics of the Stokes profiles are best represented by the triple slab models with the least chi-square
values for the Stokes Q , U and V .
The two peaks in the Stokes-I profile cannot be reproduced by a single component model. A
fitting with the double slab model yields that the Stokes-I profile is almost consistent with a wide
emission and a narrow absorption at the center of 1083.3 nm. However, the double slab model is not
able to reproduce the asymmetric Stokes profiles, for example, the difference between the peaks of
positive annd negative lobes of the Stokes-V profile cannot be reproduced, as presented by the blue
curve in figure 6. In order to explain the observed Stokes profiles, we need at least two emission
components with different Doppler velocities and one absorption component.It is found in figure 6
(red curve) that the triple slab model well reproduces not only the two peaks of the Stokes-I profile,
but also the asymmetry of the Stokes-Q , -U , and -V profiles.
Tables 1 summarize the results of the fitting with the triple slab model for He I 10830 A˚ for the
flare kernel together with the results for Si I 10827 A˚ and for the same location but 6.5 hours before
the flare. In the triple slab model for the flare kernel, in which each slab is assumed to be optically
thin, the contribution from a slab on the emergent Stokes profiles is proportional to fi(Si− 1), where
Si is the source function of ith slab normalized to that of the background. Therefore, it is not possible
to determine fi and Si separately, but only determined from the fitting is the product, fi(Si − 1).
The results of the best fitting shown in figure 6 are f1(S1 − 1) = −0.32, f2(S2 − 1) = 0.42, and
f3(S3 − 1) = 0.23. From fi > 0, it is obvious that S1 < 1 (source of an absorption component of the
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Stokes profile) and S2, S3 > 1 (source of emission components of the Stokes profile). More precisely,
we can constrain each source function as follows; S1 < 0.65 from f1 > 0, S2 > 1.42 from f2 < 1,
and S3 > 1.23 from f3 < 1. It is noted that the first component producing the absorption is almost
stationary (V ∼ 0), while the second and third components producing the emission have upward and
downward velocities, respectively.
Other parameters obtained from the fitting and shown in Tables 1 are the magnetic field
strengths, B, inclinations of magnetic field vectors with respect to the local solar vertical, γ, azimuth
angles about the local solar vertical with respect to the east direction on the sun, φ, and line width,∆λ.
In non-flaring regions the spectral lines of He I and Si I are formed in the upper chromosphere and the
upper photosphere, respectively (Avrett et al. 1994; Orozco Sua´rez et al. 2017). Therefore the result
of the fitting at the same location 6.5 hours before the flare infers that the magnetic field strength
decrease with height above the umbra. It is interesting to find that during the flare the magnetic field
strengths derived from the He I emissions are significantly (four times) larger than that of the He I
absorption, and they are two times larger than that inferred from the He I Stokes profiles before the
flare occurrence. In addition, the field orientations of the He I emissions are similar to that derived
from the Si I in the flare kernel.
4 Discussion & Summary
We present the first measurement of the magnetic field vectors on the flare kernel with a spectro-
polarimetric observation of the He I 10830 A˚. The observed Stokes profiles of the flare kernel in the
He I 10830 A˚ are well reproduced by the triple slab model that consists of two emission components
with an upward and downward Doppler velocities and one absorption component. Another important
findings are that the magnetic field strengths of the emission components are two times larger than
that inferred from the Stokes profiles in the He I 10830 A˚ before the flare occurrence, and four times
larger than that of the absorption component.
One of possible interpretations for this result is that the emissions of the He I 10830 A˚ originate
from the heating in the deep layer of the flare kernel due to bombardment of non-thermal electrons
(figure 8). When non-thermal electrons penetrates the chromosphere, they will stop at a depth deter-
mined by their kinetic energy and the ambient density, and it will lead to the formation of a coronal
temperature plasma in the energy-deposited layer (Nagai & Emslie 1984; Tei et al. 2018). As a re-
sult, the He I 10830 A˚will be produced either ways by direct excitation by the non-thermal electrons
in the chromosphere, collisional excitation by thermal electrons in compressed chromosphere next to
the coronal temperature plasma, or the photoionization by EUV radiation with a wavelength < 504
11
Fig. 8. An interpretation of the inferred magnetic field vectors on the flare kernel. The dotted lines indicate the line of sight.
A˚ emitted from the coronal temperature plasma (Ding et al. 2005; Zeng et al. 2014).The source of
the observed two emission components with an upward and downward velocity (the fourth and fifth
rows of the table 1) can be attributed to the top and bottom boundary layers of the coronal temperature
plasma (L2 and L3 in the Figure 8), and the source of the absorption component (the third row of the
table 1) can be in the upper chromosphere, through which the non-thermal electron beam propagates
without dissipation (L1 in the figure 8).
The magnetic field strength may decrease with the height in the flare kernel, because the field
strength in the upper photosphere (the sixth row of the table 1) is four times larger than that in the
upper chromosphere (the third row of the table 1). The magnetic field strengths of the observed two
emission components of the He I 10830 A˚ are also much larger than that in the upper chromosphere
during and 6.5 hours before the flare (compare the first, fourth, fifth, and sixth rows of the table 1). It
is consistent with the scenario in which the emissions are produced in the deep layer.
The depth where the non-thermal electrons deposit the most energy depends on the low-energy
cutoff in their energy spectrum (Emslie 1978).We can estimate the low-energy cutoff by assuming the
hydrogen column density in the pre-flare chromosphere (Allred et al. 2015). In non-flaring regions,
the He I 10830 A˚ line is supposed to be formed in the upper chromosphere (Avrett et al. 1994), and
the difference of the formation heights of the He I 10830 A˚ and the Si I 10827 A˚ lines are estimated
to be approximately 1000 km in sunspot umbrae from the analysis of propagating waves (Centeno
et al. 2009). If we assume that the non-thermal electron beam with the power-law index of 7.8
(section 2) penetrate into the chromosphere and stop at the depth with a hydrogen column density of
1 - 3× 1020 cm−2, which corresponds to the depth of 1000 km below the transition region according
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to the umbral model of Maltby et al. (1986), the low-energy cutoff can be derived as ∼20-30 keV
(see figures 5, 6, and 9 of Allred et al. 2015). Because the Si I 10827 A˚ did not show emission,
the hydrogen column density of 1 - 3× 1020 cm−2, or the derived lower cutoff energy, will be the
maximum possible value. The hard X-ray spectral fit yields that the upper limit of the low-energy
cutoff is 21.7± 1.4 keV (section 2), and it is consistent with the result here.
It must be noted that there may be other possible scenarios, such as the coronal field re-
structuring and change of line formation height due to thermal conduction. In these scenarios, three
components in the triple slab model can be interpreted as three different unresolved magnetic loops.
The observed Stokes-Q and U profiles are qualitatively different from those reported in a X-
class flare by Judge et al. (2015). They concluded that the linear polarization in He I 10830 A˚ in the
X-class flare are naturally explained with the scattering polarization under an anisotropic radiation
field, while we successfully reproduced our observed profiles by the Zeeman effect without taking the
scattering polarization into account. It might be possible that the kernels observed in these two flares
are located in different conditions of the radiation fields and the magnetic fields at the He I 10830 A˚
formation layer.
Finally we like to stress that detailed measurements of temporal and spacial distributions of
magnetic fields and plasma dynamics in flare kernels have a potential to provide valuable diagnoses
of the non-thermal electrons in flares, and such observations at much higher spatial resolutions are
expected to be performed by new generation instruments, such as Daniel K. Inouye Solar Telescope
(DKIST, Rimmele et al. 2005).
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